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Information in a Spectral Line



Fine Structure and Hyperfine Structure

http://en.wikipedia.org/wiki/File:Fine_hyperfine_levels.png

Fine structure: between 𝑒− spin and 𝑒− orbital angular 
momentum

Hyperfine structure: between nucleus (or nuclei in molecules) 
with internal E and B fields; 
energy much smaller 
than that of a fine structure



21 cm Line

Magnetic moment of 𝑝+
 of 𝑒− charge
 of 𝑒− orbit

 hyperfine structure 
i.e., splitting of the ground state of H I

𝐹 = Τ1 2 + Τ1 2 = 1 or 𝐹 = Τ1 2 − Τ1 2 = 0

𝐹 = 1 to 𝐹 = 0

𝐴10 = 2.8843 × 10−15s−1 = 11 Myr −1

𝜆 ≈21.106 cm; 5.87 × 10−6 eV;

𝜈 ≈1420.406 MHz

𝑓 = 5.75 × 10−12

Collisional excitation

Spontaneous 

de-excitation



The 21 cm line is 

• a magnetic dipole transition
• a forbidden transition 

𝜏HI,HI collision ≈
1

𝑛𝜎𝑣
≈ 1 × 10−16 × 105 −1 ≈ 1011 s ≪ Τ1 𝐴10

So LTE OK, and Τ𝑛1 𝑛0 = Τ𝑔1 𝑔0 exp − Τ𝜒 𝑘𝑇 , 
where 𝑔0 = 1, 𝑔1 = 3, Τ𝜒 𝑘 ≈ 70 mK. 

Population ratio determined by 

 collisions

 cosmic background radiation

 Ly alpha pumping

Ly alpha radiation could excite 21 

cm line via transitions involving 

the 𝑛 = 2 level as an intermediate 

state (Field, 1959, ApJ, 129, 551)





(Mihalas & Binney)
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Line center  line of sight velocity (radial velocity; RV)

RV  Galactic rotation model   cloud distance



21 cm emission has been used extensively to map out the 
distribution of H I in the Milky Way galaxy and other galaxies.  

Spiral arms are prominent.  Two or more arms toward the same 
direction can be separated by different velocities.

With strong distant radio sources (e.g., QSOs), one can observe 
H I in absorption thus study of the warm IG component.
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Bohlin et al 1978



Bohlin et al 1978



Einstein Coefficients
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𝒋 𝒌

A21 B21 B12

ℎ𝜈 ℎ𝜈 ℎ𝜈 ℎ𝜈

[s−1 ] [cm3 erg s−1 Hz−1]

𝑨𝟐𝟏 --- probability 𝑩 𝒖𝝂 --- probability

Einstein (1917)

Spontaneous emission
Stimulated 

(induced) emission (Stimulated) absorption
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Recall for emission, 

𝑗𝜈 =
ℎ𝜈0

4𝜋
𝑛2 𝐴21𝜙 𝜈

𝑨𝟐𝟏 [𝐬−𝟏]: Einstein 𝑨 coefficient for spontaneous transition 
= probability per unit time.

Τ1 𝐴21 [s]: lifetime staying at level 2 (remaining excited)

Likewise, for absorption (including stimulated emission ---
dependent on the incident intensity)

𝜅𝜈 =
ℎ𝜈0

4𝜋
𝜙 𝜈 𝑛1 𝐵12 − 𝑛2 𝐵21

න
0

∞

𝛷𝜈 𝑑𝜈 = 1



Lorentz (damping) profile 

𝜙 Δ𝜈 =
𝛾

2𝜋Δ𝜈 2 + Τ𝛾 2 2

Classical treatment
Atom absorbing a photon  excited  𝑒− oscillates as a dipole

Equation of motion: 𝑚 ሷ𝑟 = −4𝜋𝑟𝜈0
2

Such a dipole radiates with power ℙ =
2

3

𝑒2

𝑐3 ሷ𝑟 2

Energy is radiated away  damping force to slow down the 𝑒−

The force is ℱ =
2

3

𝑒2

𝑐3 ഺ𝑟 2, and for a small damping 

 a simple harmonic motion (around 𝜈0)…
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Line Broadening



Natural Broadening

𝐼𝜈 =
1

𝜈 − 𝜈0
2 + ൗ

𝛾
4𝜋

2

The Lorentzian profile peaks at 𝜈0, and has a width 𝛾 related to 
the Einstein 𝐴 coefficient  

QM Heisenberg energy-time uncertainty principle ∆𝐸 Δ𝑡 ≥ ℎ

That is, the energy of a give state cannot be specified more 
accurately than this  ∆𝜈 ≈ 1/ Δ𝑡.  

Typically Δ𝑡 ≈ 10−8 s (recall Einstein’s 𝐴 coefficients), so the 
natural width of a line 𝛾 ≈ 5 × 10−5 nm.  



Doppler Broadening

Particle thermal random (kinetic, turbulent) motion along line 
of sight  Doppler shift Τ𝑚𝑣2 2 = 3 𝑘𝑇/2

𝜈 − 𝜈0

𝜈0
=

𝑣𝑍

𝑐

If Maxwellian (Gaussian)  a profile spread

𝐼𝜈 = 𝑒
− ൘𝜈−𝜈0

2

2𝛿2

where 𝛿2 = 𝜈0
2 𝑘𝑇/𝑚𝑐2



20

When areas are normalized, the Doppler profile is more 
peaked, and the Lorentzian profile is higher away from 𝜈0.

Gaussian “core”, 
Lorentzian “wings”



21



22

Collisional Broadening

Collision  radiation train interrupted

Energy levels shifted by nearby particles, especially ions and 
electrons (“Stark Effect” due to E field); also called pressure 
broadening, and is density dependent.

Profile similar to Lorentzian, but the width ≈ Τ1 𝜏0, 
where 𝜏0 is the mean free path.  Given 𝜏0 is thousands of years, 
collision broadening is usually not important in ISM.



Zeeman Broadening

Energy levels spilt to 3 or more sublevels in a magnetic field 
 Zeeman effect (Pieter Zeeman)

Spectral lines closed spaced (∝ 𝐁 strength), may not be resolved 
 line broadened 

Additional broadening mechanisms: rotation, expanding, 
turbulence, …



24

Line Strength 

and 

Chemical Abundances
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Photons of different 
wavelengths have 
different energies.  
Which line is “stronger” 
(= energy missing in 
the spectrum?  Number 
of absorbing atoms?)



𝜙𝜈 =
𝐼𝑐 − 𝐼𝜆

𝐼𝑐

is the equivalent width (W), which measures the absorption 
(strength) of  a spectral line, where 𝐼𝜆 is the line profile, and 𝐼𝑐 is 
the continuum (at the same 𝜆).  
𝑊 in unit of Å or mÅ ;  traditionally negative for emission lines.

𝑊𝜆

𝜆
=

𝑊𝜈

𝜈
=

𝑊v

𝑐

𝑊𝜆 = න
−∞

∞ 𝐼𝑐 − 𝐼𝜆

𝐼𝑐
𝑑𝜆 = න 1 − 𝑒−𝜏𝜆 𝑑𝜆

Equivalent Width

Compared with local “continuum”, i.e., where there is no absorption, how 
much energy is absorbed.  



𝜎𝜈 =
𝜋𝑒2

𝑚𝑐
𝑓𝜙𝜈

𝜏𝜈 = 𝜅𝜈ds = 𝑛 𝜎𝜈𝑑𝑠 = 𝑁 𝜎𝜈, where 𝑁 is the column density

𝜏𝜆 = 𝑁
𝜋𝑒2

𝑚𝑐2 𝑓 𝜆0
2 𝜙𝜈, where 𝑓 is the oscillator strength

𝜎𝜈𝑑𝜈 = 𝜎𝜆𝑑𝜆

(1) For a weak line (𝜏𝜆 ≪ 1)

𝑊𝜆 = න 𝜏𝜆 𝑑𝜆 = 𝑁
𝜋𝑒2

𝑚𝑐2
𝑓𝜆0

2 ∝ 𝑁𝑓

or 
𝑊𝜆

𝜆 [cm]
= 𝑁

𝜋𝑒2

𝑚𝑐2 𝑓𝜆0 = 8.85 × 10−13 𝑁 [cm−2] 𝑓12

Spitzer

Every absorbing atom contributes.



(2)  For a strong line (𝜏𝜆 ≫ 1), damping wings important

𝑊𝜆 ∝ 𝑁𝑓

(3) For an intermediate case 

𝑊𝜆 ∝ ln 𝑁𝑓

Line strength (equivalent width) 
 abundance

Curve of growth

Line starts to “saturate”, 
W almost independent of 
# of absorbing atoms



linear part

flat part

Square-root part
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• Wλ gives the abundance of the absorbing atom/ion.

• It is a coarse estimate (~5%), with many uncertainties.  A 
more accurate measurement requires high-dispersion 
spectroscopy, atmosphere/ISM modeling, etc.

• If it is an excitation transition, use the Boltzmann equation to 
compute the total number of the species.

• Then use the Saha equation to compute the total number of 
the element.



Read D. Morton’s paper 



Zeta Ophiuchi = HD 149757, O9.5V (so few stellar lines), a rapid 
rotator 𝑣 sin 𝑖 ≈ 250 km/s (so broad stellar lines  easy 
separation from the narrow interstellar lines)

Ex 1: K I line λ7699, 𝑓 = 0.339, Wλ = 84 mÅ  N (K I) = ?

Ex 2:  The Doublet Ratio Method  2 lines from the same 
elements, e.g., close doublets Na I, Ca II  Saha eq. 
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Ex 3: Application to unidentified lines

The “diffuse interstellar bands” (DIBs), 500+ such bands between 

UV and IR.

Do these lines originate from abundances?

𝐼 = 𝐼0 𝑒−𝜏 = 𝐼0 𝑒−𝑁𝜎

Observed 𝐼/𝐼0 = 0.99
Δ𝜆 ≈ 25 Å , extremely broad for Doppler broadening

 estimate 𝑁𝑥, by assuming extreme values of  𝑓
and compare with 𝑁𝐻
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 Often attributed to polycyclic aromatic hydrocarbons 

(PAHs) or other large carbon-bearing molecules …

 But lacking firm lab results or model computation …

fullerene C60
+ ?



Abundances of Elements

In HI regions, 𝑁(𝑥)/𝑁(𝐻) more or less depleted with respect to 
atmospheres of Pop I stars

(1) into molecular forms?  If so, depletion should 
occurs primarily in regions of high densities

Results: Indeed, depletion seen where 𝐸𝐵−𝑉 > 0.3
For 𝐸𝐵−𝑉 < 0.05, abundances normal

(2) into solid forms?  If so, depletion should increase for 
elements of higher condensation temperatures

Results: Indeed, this was observed 
𝑇𝑐 ↑ condense first more depletion







(1975) ARAA





solar





volume density



http://map.gsfc.nasa.gov/media/080998/index.html

Estimated proportions of matter, 
dark matter and dark energy in 
the universe. Only the fraction of 
the mass and energy in the 
universe labeled "atoms" is 
composed of chemical elements. 
(WMAP)

http://map.gsfc.nasa.gov/media/080998/index.html


What are the 5 most abundant cosmic elements?
What happens to iron? 
What about the zigzagging?


